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ABSTRACT
We present a self-consistent hydrodynamical simulation of a Milky Way-like galaxy, at
the resolution of 0.05 pc. The model includes star formation and a new implementation
of stellar feedback through photo-ionization, radiative pressure and supernovae. The
simulation resolves the structure of the interstellar medium at subparsec resolution
for a few cloud lifetimes, and at 0.05 pc for about a cloud crossing time. Turbulence
cascade and gravitation from the kpc scales are de facto included in smaller structures
like molecular clouds. We show that the formation of a bar influences the dynamics
of the central ∼ 100 pc by creating resonances. At larger radii, the spiral arms host
the formation of regularly spaced clouds: beads on a string and spurs. These instabil-
ities pump turbulent energy into the gas, generally in the supersonic regime. Because
of asymmetric drift, the supernovae explode outside of their gaseous nursery, which
diminishes the effect of feedback on the structure of clouds. The evolution of clouds
is thus mostly due to fragmentation and gas consumption, regulated mainly by su-
personic turbulence. The transition from turbulence supported to self-gravitating gas
is detected in the gas density probability distribution function at ∼ 2000 cm−3. The
power spectrum density suggests that gravitation governs the hierarchical organisation
of structures from the galactic scale down to a few parsecs.
Key words: Galaxy: structure — ISM: structure — stars: formation — methods:
numerical
1 INTRODUCTION
Stars form out of the gaseous medium of galaxies. This well-
known fact hides a collection of complex and not yet per-
fectly understood details, owing to the diversity of phys-
ical conditions one may find in galaxies, and even within
a given galaxy. The gaseous structures are being probed
deeper and deeper, providing a mine of information on the
fine details of star formation. For instance, recent Herschel
⋆ florent.renaud@cea.fr
observations of the Milky Way interstellar medium (ISM) re-
vealed a filamentary structure of the star forming regions at
sub-parsec scale (Arzoumanian et al. 2011). These filaments
might be formed by turbulent shocks, during the fragmenta-
tion of their host molecular clouds (Padoan et al. 2001). But
like star formation, turbulence remains a poorly understood
topic.
The turbulence in galaxies seems to be generated by
large scale (> 1 kpc) motions of the ISM and its energy is
transferred down to the small scales by the so-called tur-
bulence cascade (e.g. Padoan et al. 2009; Bournaud et al.
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2010), where it is dissipated into heat. Because of this scale
coupling, understanding the process of star formation re-
quires a description of the ISM at sub-parsec resolution
but in its galactic context. On the one hand, cosmolog-
ical aspects like accretion of gas (e.g. Dekel & Birnboim
2006) or galaxy interaction/mergers (Di Matteo et al. 2007;
Karl et al. 2010; Teyssier et al. 2010) are known to affect
the behaviour of the gas reservoir of the galaxy, and thus
the formation of stars. On the other hand, newly born stars
themselves modify the properties of the gas in their vicinity
through feedback. Numerically, a fully consistent description
of these effects spanning at least 8 – 9 orders of magnitude in
space is still out-of-reach: because of technical limitations,
simulations probing star formation face either a problem of
resolution or a lack of physical ingredients implemented.
To date, the problem has been tackled from both ends:
large scale (& 100 kpc) simulations covering a long time
lapse (& 1 Gyr) concentrate on galaxy formation and evo-
lution, while small scale (. 1 pc) relatively short (. 1 Myr)
runs focus on stellar populations. For example, the connec-
tion to cosmology has been addressed by selecting halos
at high redshift in cosmological simulations, and focussing
on the assembly of one galaxy over a very long time, but
at the cost of a spatial resolution limited to a few 100 pc
(see Guedes et al. 2011, for a simulation of a Milky Way-
like galaxy). At slightly smaller scale, a number of studies
have shown the effect of galaxy interactions and inner struc-
tures (spirals, bars) in the evolution of the star formation
rate (Di Matteo et al. 2007; Dobbs 2008). Such works model
entire galaxies and thus properly describe the environment
of star forming regions, but use sub-grid recipes to imple-
ment star formation and form stellar particles representing
more than one star, from a few 103 to 106 M⊙, the structure
of the ISM at individual star formation scale being unre-
solved. In particular, Tasker (2011) explored the connection
between the formation of giant molecular clouds (GMCs)
and their surrounding medium, underlining the role of cloud-
cloud mergers and star formation in the early destruction of
clouds. Similarly, Dobbs et al. (2012) emphasized the role of
stellar feedback on the formation/destruction cycle of GMCs
in the context of spiral galaxies, and Hopkins et al. (2012)
focussed on a multi-component stellar feedback in several
galaxy types, including models of high redshift discs (z ∼ 2).
On the stellar side, the formation of individual stars
is followed from the fragmentation of an isolated molecu-
lar cloud (Bate & Bonnell 2005; Federrath & Klessen 2012).
Although the collisional aspect of these objects is often
neglected at the price of missing the evolution of bi-
nary/multiple stars, the clustered formation of a few of tens
∼ 1 M⊙ particles is well described. However, in this case the
environmental effect of the galaxy is not present or is highly
idealised. Studies where a time-dependent potential mimick-
ing the gravitational well of a spiral arm has been included
have been performed (e.g. Bonnell et al. 2006), but the cre-
ation of the cloud itself and the fully consistent injection of
turbulence from the galactic context were still missing.
Bonnell et al. (2013) started to bridge the gap by con-
sidering the influence of kpc-scale dynamics on star forma-
tion using to a two-step method. First, a “low” resolution
simulation of spiral arms is performed. Then a re-simulation
of one of the dense clouds formed is done at much higher
resolution. This innovative method allowed to approach the
resolution of individual star formation thanks to sink parti-
cles (Bate et al. 1995) accreting several tens of gas particles
(∼ 0.1 M⊙) and creating ≈ 11 M⊙ stars. Despite the gi-
ant leap made in the coupling of galactic and stellar scales,
this work lacks the fully consistent galactic dynamics during
the re-simulations and the influence of stellar feedback, that
might be of significant importance at both scales.
In the present work, we take one more step toward
the goal of merging the two approaches by increasing the
resolution of a galaxy simulation down to subparsec scales.
Yet limited by currently available computer ressources, we
could not probe processes at pre-stellar core scale: our re-
sults still rely on sub-grid recipes. However, the resolutions
reached in space, mass and temperature allow us to prop-
erly describe the structure of the interstellar medium at the
scales of star forming cores (∼ 0.05 pc) in the fully self-
consistent context of an isolated galaxy (∼ 100 kpc). The
(dynamic) gravitational potential, gas flows and the tur-
bulence are de facto included at the scale of star forma-
tion. Our model reproduces the structures of a grand-design
spiral galaxy tailored to ressemble the Milky Way, via the
Besanc¸on model (Robin et al. 2003), although a one-to-one
match is not sought.
This paper first presents the numerical method used in
Section 2. Section 3.1 details the initial conditions and the
preliminary evolution of the model leading to a grand-design
spiral galaxy with many substructures. The properties of the
large-scale gaseous structures are explored in Section 4. Star
formation, gas flows in the bar and internal structures of star
forming clumps are topics deserving a contribution of their
own, and will be presented in several forthcoming papers.
2 NUMERICAL METHOD
2.1 Code, methods and ressources
The simulation is performed with the Adaptive Mesh Refine-
ment (AMR) code RAMSES (Teyssier 2002). For simplicity,
we chose to ignore the magnetic fields. While some studies
speculated they might play an important role in support-
ing the gas against collapse (Shu et al. 1987; Van Loo et al.
2013), recent works showed that turbulence is the most im-
portant factor, while magnetic fields have a more moderate
but still significant influence on the star formation efficiency
and the dense gas mass fraction (Padoan & Nordlund 2011;
Federrath & Klessen 2012, 2013; Kainulainen et al. 2013).
We also note that including magnetic fields could modify
the morphology of spiral arms (Pakmor & Springel 2013)
and their collapse into clouds via magneto-Jeans instabili-
ties (Kim et al. 2002).
The dark matter halo, the old primordial stars, the
new stars born from the conversion of gas (see Section 2.3)
and the central supermassive black hole are evolved using a
particle-mesh solver.
On top of the particles, the evolution of the gaseous
component is computed by solving the Euler equations on
the adaptive grid with a second-order Godunov scheme, and
an acoustic Riemann solver with a “minmod” slope lim-
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iter1. The AMR technique is used to put the highest res-
olution on the densest regions of the galaxy, while keep-
ing a low, computationally cheap, resolution in the low
density volumes. The refinement strategy is based on the
density of the baryons (stars and gas) and on their sta-
bility: a thermal Jeans length is always resolved by at
least four cells (see Section 2.2). The simulation box spans
100 kpc× 100 kpc× 100 kpc with a coarsest mesh covering
the entire volume made of 200 pc wide cells, and the finest
cells of 0.05 pc in the most refined volumes. Note however
that any study on the structure or the evolution of objects
requires to resolve them with a few elements (cells, particles,
pixels). Therefore, only the exploration of objects spanning
a few ×0.05 pc are within reach of this simulation. The finest
cells are created on the 21st level of refinement. Although the
exact number of cell varies with the adaptive refinement, de-
pending on the structure of the galaxy, the simulation counts
about 240 millions of them, on average.
Contrary to the new formed stars which are created in
compact, dense clouds, the gravitational field of the pre-
existing stars and the dark matter contains less small scale
features and does not require description at the same ac-
curacy. To avoid the numerical cost of a large number of
particles, this field is rendered by only 60 million particles
and is smoothed over 3 pc. However, gravitation of the new
stars and self-gravity of the gas component is evaluated at
the full resolution of the grid, i.e. down to 0.05 pc.
The simulation has been run for 12 million core-hours on
6080 cores on the “fat nodes” of the supercomputer Curie
hosted at the Tre`s Grand Centre de Calcul (TGCC). Be-
cause of the computational cost of such a simulation, vari-
ations of the parameters and methods and a statistical ap-
proach are yet not possible, and only one run has been per-
formed. However, a wide diversity of gas clouds allows a
comparison of their formation, structure and evolution un-
der various physical conditions.
2.2 Equation of state
In simulations like this one, a very small fraction of the gas
can temporarily become very hot, usually well above/below
the plane of the disc. Since such a hot gas requires to set
a small timestep to fulfill the Courant, Friedrichs & Lewy
(1928) condition, this represents a significant slowing down
of the simulation. To avoid this, we replace the evalua-
tion of the heating and cooling processes due to ultraviolet
background and atomic/molecular lines (Haardt & Madau
1996), with a piecewise polytropic equation of state (EOS)
derived from a fit of actual heating/cooling balances at
1/3 solar metalicity (Bournaud et al. 2010), and plotted in
Fig. 1. (Comparisons between the use of this approximation
and a more precise recipe will be presented in a forthcoming
contribution, Kraljic et al., in prep.)
The EOS is isothermal (104 K) for the gas with den-
sities 10−3 cm−3 < ρ < 0.3 cm−3, and is a polytrope
T ∝ ρ−1/2 for the denser regions. Because the resolution
is finite, the subgrid physics is accounted for by artificially
adding a pressure floor in the densest cells, according to
1 by setting RIEMANN=acoustic and SLOPE TYPE=1 (see the
RAMSES user guide for details).
Figure 1. Effective equation of state, including the Jeans poly-
trope to avoid artificial fragmentation in the smallest cells.
Truelove et al. (1997, see also Robertson & Kravtsov 2008).
This pressure term is computed to ensure that the ther-
mal Jeans length is resolved by at least a few cells (four in
our case, see Teyssier et al. 2010, for details) everywhere in
the simulation, avoiding artificial fragmentation. This trans-
lates into the introduction of a lower limit in the EOS,
thanks to a polytrope T ∝ ρ, the so-called Jeans poly-
trope. Given our spatial resolution dx,min = 0.05 pc, this
floor becomes active for densities above ≈ 3075 cm−3 ×
(dx,min/1 pc)
−4/3 = 1.7×105 cm−3, corresponding to a tem-
perature of ≈ 101 K× (dx,min/1 pc)
2/3 = 14 K and a Jeans
mass of ≈ 4250 M⊙ × (dx,min/1 pc)
5/3 = 29 M⊙. For the
very low density regions (in the stellar halo), the EOS is a
polytrope of index 5/3 corresponding to the hot virialised
gas. The EOS is applied in all the cells of the simulation,
except in active Hii regions (see Section 2.4).
2.3 Star formation
According to Jeans’ formalism, gaseous clumps more mas-
sive than the Jeans mass are unstable and should collapse
and form stars. However, this is not the case in the simula-
tion for two reasons: (1) our very low Jeans mass (∼ 30 M⊙)
would represent an enormous amount of stellar particles to
form and evolve, which would considerably slow down the
computation, and (2) converting clumps of gas down to a
few 10 M⊙ into stellar particles of ∼ 0.5 M⊙ means that
individual stars would be resolved, which implies a proper
treatment of the associated physics. First, the stellar initial
mass function (IMF) should be sampled correctly, which is
not feasible using a sub-grid recipe for star formation (see
below). Second, two-body encounters, binary/multiple star
formation should be accounted for via a collisional approach
which is numerically extremely costly over an entire galaxy2.
Although such approaches are commonly followed thanks to
2 Galaxy simulations generally assume that the stellar “fluid” is
collision-less, to allow some approximations in the computation
of the gravitational force by the way of numerical softening. This
is not the case in dense systems where star-star interactions are
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dedicated numerical techniques in the context of molecular
clouds and star clusters (Aarseth 2003), the integration of
the galactic scale effects in such simulations has started out
only recently (Renaud et al. 2011; Bonnell et al. 2013) and
a fully consistent treatment over the entire galaxy is yet
out-of-reach.
Therefore, the conversion of gas into stellar particles
is artificially forced to occur at a lower mass resolution,
as follows. The local star formation rate (SFR) follows the
Schmidt (1959) law: ρSFR = ǫρ/tff ∝ ǫρ
3/2, where ǫ is the
star formation efficiency (SFE) and tff =
√
3π/(32Gρ) the
free-fall time corresponding to the gas volume density ρ,
but only when it exceeds a certain threshold. Physical inter-
pretations of this threshold are discussed in Krumholz et al.
(2012) and Renaud et al. (2012). After tests, it appears that
star formation in the simulation is very little sensitive to
the density threshold, since the SFR for densities close to
the threshold is very low and thus such gas does not signifi-
cantly modify the global SFR. To speed-up the computation,
we have set it to a high value (2×103 cm−3), such that cells
that would not, in any case, form a significant number of
stars are not even considered in the numerical process. (This
choice is further discussed and justified in Section 4.2.) Dif-
fuse star formation might not be properly described, but
this concerns an extremely small fraction of the global star
formation, and should only affect the structure of the galaxy
on very small scales (∼ 1 – 10 pc, ∼ 10 Myr), in the outer
regions of the galactic disc.
At each timestep dt (∼ 10 – 100 yr, depending on the
local level of refinement), in cells (of size dx) denser than the
threshold, a dimensionless number n⋆ is drawn, following
a Poisson distribution of mean value ρSFRd
3
x dt/M⋆ (Katz
1992): a non-zero value of n⋆ implies the conversion of the
mass of gas n⋆M⋆ into a stellar particle. We avoid creating
solar-like mass stars by setting M⋆ = 160 M⊙. This reduces
the number of particles created, but at this resolution the
mass of stars formed (and thus the SFR) is not affected by
this artifact.
The SFE ǫ is chosen such that the global SFR over the
entire galaxy matches the observations. This value is highly
sensitive to the data and the method used: SFRs between ∼
1 M⊙ yr
−1 (Robitaille & Whitney 2010) and ∼ 10 M⊙ yr
−1
(Guesten & Mezger 1982) have been proposed. We have
adopted ǫ = 3%, in agreement with Krumholz & Tan (2007)
who suggested a universal value of a few percent, and mea-
sured a global SFR of ∼ 1 – 5 M⊙ yr
−1, on average.
2.4 Stellar feedback
Our implementation of the stellar feedback encompasses
three ingredients, all active in the first 10 Myr of the life
of the stars. Because we do not resolve individual stars, one
stellar particle (of mass M⋆) represents a collection of stars
of different masses. For simplicity, we only include the feed-
back effects from the massive end of the stellar mass function
(i.e. the OB-type stars, > 4 M⊙, Povich 2012), correspond-
ing to ηOB ≈ 20% of the mass of one stellar particle for a
Salpeter (1955) IMF; the other 80% being feedback-inactive.
frequent, i.e. where the relaxation time is short with respect to
the lifetime of the system (e.g. in star clusters).
In other words, for each of our stellar particle, the feedback
is due to the massM⋆ηOB. Other forms of feedback like stel-
lar jets, gas recycling and an active galactic nucleus are not
included.
2.4.1 Photo-ionisation
OB-type stars emit energetic ultraviolet photons that ionise
the surrounding neutral gas, creating Hii regions. The size of
an ionised region depends on the luminosity L⋆ of the central
stellar source and the local opacity of the ISM through the
density of electrons ne and the recombination rate αr. To en-
sure an efficient numerical calculation, we have implemented
a simple treatment of photo-ionisation (and radiative pres-
sure, see below) in RAMSES: we define a Hii bubble as a
Stro¨mgren (1939) sphere centered on the source, of radius
rHII =
(
3
4π
L⋆
n2eαr
)1/3
. (1)
The luminosity, in term of number of ionising photons, is a
piecewise function of the age a⋆ of the source (Krumholtz,
priv. comm.):
L⋆ = L0M⋆ηOB


1 for tff < a⋆ 6 4 Myr
(4 Myr)/a⋆ for 4 Myr < a⋆ < 10 Myr
0 else,
(2)
where L0 = 6.3 × 10
46 s−1 M−1⊙ and tff is the local free-
fall time, used to delay the ignition of the photo-ionisation
feedback after the formation of the first stellar particle,
so that other stars are given the opportunity to form in
the same region. The recombination rate is a function of
the temperature of the bubble THII, and reads αr = 2.1 ×
10−10 cm3s−1(THII/1 K)
−3/4.
The positions and radii of the bubbles are updated at
each timestep. Within the Hii bubble, the EOS defined in
Section 2.2 is replaced by an isothermal branch: the gas
temperature is set to THII = 2 × 10
4 K, corresponding to a
sound speed of ∼ 10 km s−1 (Krumholz et al. 2009). When
the cell containing the source of photo-ionisation is larger
than the bubble (i.e. the Hii region is not resolved), the
temperature of the gas in this cell is weighted by the volume
ratio of the bubble and the cell. If a given cell comprises
more than one unresolved bubble, they are all replaced with
a unique bubble, conserving the total ionised volume.
Eventually, two or more (resolved or not) Hii bubbles
overlap. Since the overlap volume cannot be ionized twice,
each bubble is grown such that the ionised volume is con-
served, in a similar fashion as in Thomas et al. (2009). This
strategy ensures that the geometry of the ionisation front
is globally preserved, even when bubbles form chains. How-
ever, when the overlap is a large fraction of the total volume
of the bubbles (their separation is smaller than their radii),
they are merged to speed-up the calculation, without a sig-
nificant alteration of the geometry.
This method allows for a much faster treatment of the
ionisation than the more accurate radiative transfer (e.g.
Aubert & Teyssier 2008). Our approximation of Stro¨mgren
spheres does not allow us to retrieve fine structures in the
ISM such as pillars, but the overall injection of energy is
reproduced. A comparison with a more accurate treatment
of the ionised regions using ray-tracing will be presented in
a forthcoming publication (Chardin et al., in prep.).
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2.4.2 Radiative pressure
Most of the momentum feedback is hauled by energetic, ion-
ising photons. Therefore, using Hii bubbles as carriers of the
momentum avoids the artificial definition of a mass load-
ing factor. Inside each Hii bubble (after management of the
overlaps), momentum is deposited as radial velocity kicks
∆v over the time interval ∆t matching the timestep of the
simulation at the coarse level (∼ 0.02 Myr):
∆v = s
L⋆hν
MHIIc
∆t, (3)
with h the Planck constant, c the speed of light,MHII the gas
mass of the bubble affected by the kick and ν the frequency
of the flux representative of the most energetic part of the
spectrum of the source. For simplicity, we consider the lumi-
nosity of the Lymann-α photons and set ν = 2.45×1015 s−1.
The dimensionless number s represents the average multi-
ple scattering of photons as they travel through the bub-
ble. It accounts both for multiple photon/electron collisions
and the decay of the energy injected between each collision.
We set s = 2.5, similarly to Krumholz & Dekel (2010) and
Dekel & Krumholz (2013).
Note that our velocity kicks do not have heuristic val-
ues and the radiative feedback is not related to the bind-
ing energy of the clump, contrarily to Oppenheimer & Dave´
(2006), Oppenheimer et al. (2010) or Hopkins et al. (2011).
The delay in the ignition of the ionisation and radiative
pressure represents a major limitation of the feedback recipe
implemented. In real systems, the details on the formation
of the first star in a cloud will determine the conditions
for the formation of the next stars. A debate still exists on
the exact role of radiative feedback in preventing, and/or
triggering star formation, and in modifying the inner struc-
ture of clouds (see Dale et al. 2005; Dale & Bonnell 2011;
Tremblin et al. 2012, and references therein). The associ-
ated structures (pillars and globules) are created very early
during the star forming epoch of a cloud and might strongly
influence its future evolution. However, their size (0.1 pc and
less) being very close to our resolution limit (0.05 pc), the
present simulation is inadequate to monitor their role and
evolution. For these reasons, the feedback recipe has to be
adjusted to the numerical resolution, which we do by imple-
menting the delayed ignition.
2.4.3 Supernova explosions
The massive end of the IMF responsible for photo-ionisation
feedback will explode as supernovae (SNe) after an average
age of 10 Myr. The implementation of the supernova feed-
back, as a Sedov blast, is described in Dubois & Teyssier
(2008). Because the gas in our simulation follows an EOS
and not the contributions from heating and cooling terms
(recall Section 2.2), injecting thermal feedback would have
no effect. Therefore, the total energy of the SN feedback
(1051 erg) is injected only in the kinetic form. The use of
an EOS biases the thermodynamical evolution of the feed-
back energy injected by SNe. In particular, re-compression
and re-heating in the reverse shock of SN blasts cannot be
accurately followed using our prescription (Chevalier 1989),
which can affect the thermodynamical state of these regions.
Table 1. Initial setup
Component mass [×109 M⊙] number of particles
SMBH 4.0× 10−3 1
Bulge 20.3 1.3× 107
Spheroid 0.3 2× 105
Thin disc 21.5 1.4× 107
Thick disc 3.9 2.6× 106
Gaseous disc 5.9 (∼ 2.4× 108 AMR cells)
Dark matter halo 453.0 3.0× 107
Total 500.0 6.0× 107
3 INITIAL SETUP AND EARLY FORMATION
OF STRUCTURES
The general purpose of this simulation is to reproduce an
isolated grand-design spiral galaxy and to focus on the struc-
ture of the interstellar medium at the highest resolution
possible, and its evolution during a period long enough to
monitor the coupling between stars and gas through feed-
back (∼ 100 Myr). Cosmological aspects, the formation of
the galaxy, the interaction with satellites and the long term
evolution are not in the scope of this study.
3.1 Initial conditions
The initial conditions of the galactic model have been gener-
ated by pyMGE (Python Multiple Gaussian Expansion, Em-
sellem & Renaud, in prep.). This code uses the MGE method
developed by Emsellem et al. (1994) to decompose the mass
or luminosity density of the galaxy with a set of Gaussian
functions (Bendinelli 1991; Monnet et al. 1992). The grav-
itational potential is then rendered with particles and the
velocities are attributed by solving the Jeans equations for
each Gaussian. For the Milky Way, the input of pyMGE is
roughly based on the Besanc¸on model (Robin et al. 2003).
We have used 31 Gaussians to render the spherically sym-
metric dark matter (DM) halo, the spheroid, the bulge, the
thick and thin discs as well as a gas disc. The gas parti-
cles are used to ensure the global coherence of the model, so
that the associated gravitational potential is accounted for,
but they will be replaced by a grid-based description for the
simulation itself.
All components are initially feature-less and axisym-
metric: the structures such as the bar and spirals will be
created during the run, from instabilities in the velocity dis-
tributions according to the profiles chosen (see below). The
non-gaseous components have been rendered using a total
of 6× 107 particles. A point-mass super massive black hole
(SMBH) has been initially placed at the center of the galaxy
with a mass of 4× 106 M⊙. The physical properties of the
galaxy are summarized in Table 1. The velocity dispersions
have been tuned during several attempts at low resolution
to ensure the creation of spirals and a bar within a few (∼ 2)
rotation periods. The rotation curves are plotted in Fig. 2.
The baryons represent 45%, 24% and 5% of the mass at
8 kpc, 20 kpc and large radius (i.e. if the halo would not
have been truncated in the initial setup) respectively.
No satellite galaxy has been included in the simulation
as they are expected to have only a mild impact on the
morphology of disc (warp, precession), the structure of the
c© 0000 RAS, MNRAS 000, 000–000
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Figure 3. Surface density of the gas disc seen face-on, at different epochs during the formation of structures from the initial setup
(top-left). During this phase (up to t ≈ 750 Myr), the maximum resolution is set to 6 pc, to avoid the early fragmentation of the gaseous
component into very small and dense clumps.
Figure 2. Radial profiles of the circular velocity of the model
components.
ISM, or the star formation history during our time lapse of
interest (Bekki 2012).
The gas disc is initialized on the AMR grid via an ana-
lytical profile. The radial- (respectively vertical-) profile fol-
lows an exponential distribution, with a scalelength of 6 kpc
(resp. 0.15 kpc) and is truncated at 28 kpc (resp. 1.5 kpc).
Beyond this truncation, the “intergalactic” density is 10−7
times that of the edge of galaxy. The initial gas mass is
5.94 × 109 M⊙, which represents ≈ 11% of the total bary-
onic mass. No additional gas is accreted during the evolution
of the model. The gaseous structures form during the sim-
ulation, following the instabilities of the stellar component
(Fig. 3). The maximum resolution of the AMR grid has been
progressively increased during this early phase (from 6 pc to
0.05 pc), to avoid a too rapid fragmentation of the gas. Star
formation has been activated once the structures had formed
(t > 730 Myr), preventing a premature consumption of the
gas.
Fig. 4 displays the surface density of the gas after most
of the kpc-scale morphology (bar, spirals) and sub-parsec
structures (in molecular clouds) have formed3. The bar and
the spirals, formed from instabilities in the initial conditions,
are also detected in the stellar component both primitive
(i.e. particles set in the initial conditions) and newly-formed
out from gas consumption, as shown in Fig. 5. The proper-
ties of the young star clusters, and in particular the regu-
larity of their separation along spiral arms, are discussed in
Section 4.3.
Interestingly enough, the galactic bar hosts a large re-
gion (∼ 1 kpc2) completely free of star formation: dense
clouds are found at larger radii, along the border of the bar,
and in the innermost ∼ 200 pc, but not in between. Al-
though our high density threshold for star formation could
cause such deficit, it is the absence of gas clouds, even at
low-density, in this area that indicates the origin of the phe-
nomenon. This particular feature will be discussed in more
details in a forthcoming paper: the preliminary results indi-
3 An interactive version of this map, at full resolution, is available
here: http://irfu.cea.fr/Pisp/florent.renaud/mw.php
c© 0000 RAS, MNRAS 000, 000–000
A sub-parsec resolution simulation of the Milky Way 7
Figure 4. Surface density of the gas disc seen face-on, 800 Myr after initial setup. The bar and spiral arms host dense clumps, some
of which being distributed as “beads on a string”. The color table only applies to the main panel: the table has been changed in each
zoom-in view to enhance contrast.
cates that the shear, and to a lower extent the tidal field,
dissolve the gaseous clumps falling in this region. Then, a
given packet of gas does not reach a high enough volume
density over a long enough period of time for stars to form.
At smaller radii however, the gas accumulates around the
SMBH and does form stars (see the next Section).
3.2 Bar, spirals, nuclear ring and resonances
Using the angular velocity of the stellar bar at t ≈ 800 Myr,
we found a pattern speed of Ωp = 58 km s
−1 kpc−1, in
agreement with values from the literature about the real
Milky Way (Ωp = 59 ± 5 km s
−1 kpc−1, Debattista et al.
2002), although a rather large uncertainty exists on local
standard of rest data. The epicycle frequency κ is computed
numerically: κ(R)2 = R dΩ2/ dR+4Ω2, where R represents
the distance to the galactic center, in the plane of the disc
(Binney & Tremaine 2008).
The frequency diagram on Fig. 6 shows the resonances
found in the stellar discs, from the initial conditions (t = 0)
and at t = 800 Myr. The evolution of the galaxy and the
formation of structures (the bar in particular) modifies the
frequencies in the inner ∼ 2 kpc, but the outermost regions
remain relatively unchanged, because less massive structures
(e.g. spiral arms) form there. The corotation (Ω = Ωp) corre-
sponds to a radius of 3.6 kpc, i.e. about 1 kpc further than
the tip of the bar. The outer Lindblad resonance (OLR,
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8 Renaud et al.
Figure 5. Surface density of the primitive stars (top), and the
stars formed during the simulation (bottom), 800 Myr after initial
setup.
Figure 6. Frequency diagram from the initial conditions (dotted
curves) and at t ≈ 800 Myr (solid lines). The measured pattern
speed of the bar (Ωp = 58 km s−1 kpc−1, horizontal line) gives a
corotation at 3.6 kpc, and an outer Lindblad resonance at 6.3 kpc.
Inner Lindblad resonances appear in the inner kpc during the
formation of the bar (see also Fig. 8). (The Ω± κ/2 curves have
been low-pass filtered to reduce the noise.)
Figure 7. Amplitudes of the fundamental and the first four
modes (normalised to that of m = 0) from the Fourier transform
of the surface density of the gaseous (left) and stellar (right) discs,
in the innermost 10 kpc, at t = 800 Myr. The two circles indicate
the corotation (3.6 kpc) and the OLR (6.3 kpc), as estimated in
Fig. 6. For m > 0, the blue to red colours label negative to pos-
itive amplitudes. The color bar varies for each panel, to enhance
contraste.
Ω + κ/2 = Ωp) is found at 6.3 kpc, i.e. close to the “knee”
visible in several gaseous arms in Fig. 4.
As a complement, Fig. 7 shows the amplitude of the first
m-modes of the Fourier transform of the surface density of
the disc Σ in polar coordinates (R, θ)
Σ(R, θ) =
∞∑
m=0
Am(R) cos [mθ −Φm(R)], (4)
as in Kraljic et al. (2012), for both the gaseous and the stel-
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lar components. The highest amplitudes in the mode m = 2
correspond to the bar and the symmetric pair of arms, in the
inner ∼ 4 – 5 kpc. The distinction between the two is mainly
seen as a change of the phase at about the corotation radius,
but also as a drop of the amplitude A4/A0 at the end of the
bar. As visible in Fig. 4 and Fig. 5, the m = 2 symmetry is
progressively replaced with a collection of secondary gaseous
arms and a more uniform distribution of stars, i.e. a grow-
ing importance of high-m modes with increasing radius. The
amplitude of the even m modes (A0, A2, A4) drops at about
8 kpc, in both components, revealing the radial extension of
the spirals. Although gas spirals are less sensitive to trunca-
tion of dynamical origin, the gaseous spirals do not extend
further than their stellar counterpart.
Both stellar and gaseous spirals extend further than
the OLR found using the pattern speed of the bar, which
suggests that other, secondary, pattern speeds may ex-
ist in the disc, modifying the first order picture drawn
above. In particular, we found a slower pattern speed for
the spirals (≈ 50 km s−1 kpc−1) than that of the bar (≈
58 km s−1 kpc−1). Using this additional value on the fre-
quency diagram of Fig. 6 leads to a secondary OLR at
8 kpc, i.e. at the detected truncation of the spirals. Al-
though it is subject to uncertainties, this confirms the idea
of Sellwood & Sparke (1988) on the role of secondary pat-
tern speeds. However, the radial extension of the spirals is
still too small to explain the GALEX observations of ul-
traviolet light tracing star formation in the outer galactic
discs in the local Universe (see Thilker et al. 2007, see also
Barnes et al. 2012 for optical data). Either such structures
might rather be of tidal origin following an interaction with
another galaxy (Thilker et al. 2007), or because self-gravity
of the arm is strong enough to overtake the influence of the
resonance and form un-truncated structures, or more simply
because new arms could have form in situ, independently of
structures at smaller radii. Also the coupling with a flat-
ten dark matter halo might allow for an expansion of star
forming gas beyond 10 – 15 kpc.
Additional pattern speeds might develop with the for-
mation of inner structures and would lead to other reso-
nances, but their transitory aspect and the relatively low
mass involved makes them less relevant for the large-scale
study presented here.
Once the bar is formed, inner Lindblad resonances
(ILRs, Ω − κ/2 = Ωp) can be found in the innermost kilo-
parsec using the pattern speed proposed above, while it was
not the case from the initial conditions. However, the un-
certainties on this pattern speed, the possible existence of
others and the noise introduced by our method in the esti-
mation of Ω− κ/2 makes it difficult to determine precisely
the radii of these ILRs. By evaluating the circular velocity
from the mass profile, we found two ILRs at ∼ 40 pc and
∼ 450 pc, as shown in Fig. 8. Both ILRs mark the innermost
radii of spiral-like structures, at the edge of a nuclear disc
and inside the galactic bar, respectively. The formation of
the nuclear disc, its evolution and the fueling of the SMBH
will be covered in a forthcoming paper.
Figure 8. Inner structures of the gas disc (displayed as surface
density). A nuclear disc has formed in the central ∼ 30 pc. The
cross marks the position of the SMBH and the 2 circles corre-
spond to the inner Lindblad resonances detected at ∼ 40 pc and
∼ 450 pc, when they are the most visible (at t = 750 Myr).
4 THE ISM AT LARGE-SCALE
4.1 Longitude-velocity map
Fig. 9 shows the radial velocity as a function of the galac-
tic longitude, both evaluated from the approximate position
of the Sun (x = −8.5 kpc, y = 0 kpc in Fig. 4, leading
to a longitude of 23◦ for the nearest tip of the bar). The
color is a proxy for the CO flux along each line of sight, at
the resolutions of ≈ 0.3◦ and ≈ 1 km s−1 for the longitude
and velocity respectively. In each gas cell of density between
25 cm−3 and 3000 cm−3, the flux is approximated by the
gas mass divided by the square of the distance of the cell to
the Sun.
The overall structure of this map matches well the ob-
servations in CO of Dame et al. (2001): the position and ve-
locity range of the bar, as well as the structure of the arms is
well retrieved. The bright structure at ∼ 75◦ corresponds to
a nearby spiral arm, visible at x ≈ −8 kpc and y ≈ −2 kpc
in Fig. 4, i.e. the equivalent of the Sagittarius arm. Note
that our simulation does not reproduce the nuclear ring in
the inner 200 pc. The dynamical evolution of the inner bar
might create such structure at a later stage.
Despite a broad selection in density, our map reveals
several gaps between “emitting clouds”, which is linked to
the beads-on-a-string morphology discussed below and indi-
cates both the absence of light diffusion in our simple post-
process and a lack of extended, inter-cloud, dense gas. We
note that our feedback recipe does not significantly spread
the dense clouds into a more diffuse ISM.
4.2 Gas density PDF
The density probability distribution function (PDF) indi-
cates in which state the gas is distributed over the galaxy,
between the diffuse ISM and the dense clouds, and tells us
about the relative role of gravity and turbulence in shaping
the density field of the gas. The mass-weighted PDF of the
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Figure 9. Longitude-velocity map of the gaseous component at
t = 800 Myr. The color is a proxy for the CO flux in arbitrary
units (see text).
entire galaxy, shown in Fig. 10, can be approximated by a
log-normal functional form, to first order, for the non self-
gravitating turbulent gas. Log-normals generally provide
good fits to PDFs of simulated isothermal, supersonically
turbulent gas (among many others, see Vazquez-Semadeni
1994; Nordlund & Padoan 1999; Wada & Norman 2001).
However, the resolution reached allows us to probe the very
dense gas of molecular clouds (i.e. & 105 – 7 cm−3), which
appears to be in excess with respect to a log-normal fit, by a
factor up to ∼ 10. In this regime, the PDF develops a power-
law tail, as shown in Fig. 10 and already noted by several
authors (e.g. Klessen 2000; Hennebelle & Chabrier 2008;
Va´zquez-Semadeni et al. 2008; Audit & Hennebelle 2010).
Elmegreen (2011) explained that such a shape results from
the convolution of the “classical” log-normal form for the
turbulent non-self-gravitating gas, with the PDF of the self-
gravitating clouds, for which the radial density profile goes
as ρ ∝ r−β. The resulting PDF would then exhibit a power-
law tail of index 3/β−1, as shown in Fig. 10. The best fit of
our measured PDF in the range 50 cm−3 < ρ < 106 cm−3
gives out a slope of ≈ 0.29, hence β ≈ 2.33. We found a com-
parable index β in the radial density profile of the gas clumps
of the simulation in this density range. We note it is also
comparable to the analytical solution of a self-similarly col-
lapsing isothermal sphere (β = 2, Shu 1977). Lombardi et al.
(2008, 2010) noticed a similar excess of dense gas with re-
spect to a log-normal distribution in the observations of
Milky Way star forming clouds, via measures of columns
density extinctions.
The power-law tail of the PDF diverges from the log-
normal at about the density threshold used for star forma-
tion (Section 2.3). This coincidence is neither a cause nor a
consequence of our choice for threshold: the process of star
formation tends to empty the reservoir of gas at densities
above the threshold, which goes in the opposite direction
than what is measured here. Our analysis suggests to opt
for such a threshold in order to ensure that simulations cre-
ate stars in self-gravitating gas. Because of technical limita-
tions, most of the previous numerical studies did not reach
the resolution needed to probe the very dense gas, and thus
Figure 10. Mass-weighted density PDF of the gas, and the best
fit using a log-normal functional form, and a power-law (dotted
lines).
to detect the onset of the regime in which self-gravity dom-
inates over turbulent support, or in other words, the transi-
tion from the log-normal to the power-law tail. In this case,
the threshold must be chosen from other physical consider-
ations at larger scales, like the self-shielding of clouds to ex-
ternal radiation (∼ 0.1 – 1 cm−3, Schaye 2004) or the forma-
tion of molecules (∼ 100 cm−3, Krumholz et al. 2009). For
example, while assuming a log-normal PDF, Renaud et al.
(2012) proposed a density threshold corresponding to the on-
set of supersonic turbulence (∼ 10 cm−3), leading to shocks
and gas compression. Presumably, at “higher resolution”, i.e.
when considering smaller scale physics, the PDF would yield
a power-law tail and the threshold should be set to a higher
value. Note that the onset of self-gravity might not occur at
an universal density, depending, among other things, on the
turbulence.
In the PDF of Fig. 10, at very low density (.
10−1 cm−3), turbulence is not supersonic and thus the log-
normal form does not match the data, while at very high
density (& 107 cm−3), the effect of finite resolution of the
simulation biases the results and the PDF in this regime
probably results from a numerical artifact.
The alternative functional form of the PDF proposed by
Hopkins (2013) does not lead to a better fit of our data since
its deviation from the log-normal (his parameter T ) cannot
model the off-peak excess of dense gas (i.e. the power-law
tail) detected here.
PDFs computed in smaller regions are plotted in
Fig. 11, revealing the importance of the power-law regime
with respect to the log-normal shape when self-gravitating
structures exist in a tile. The Mach numbers M, indicated
in each tile of Fig. 11, represent the mass-weighted average
of the Mach numbers computed via the one-dimension ve-
locity dispersion and the mass-weighted temperature at the
scale of 1 pc. They can be connected to the width σPDF of
the log-normal PDF through σ2PDF = ln
(
1 + b2M2
)
, with
b describing the relative importance of solenoidal and com-
pressible modes of turbulence (Federrath et al. 2008, 2010;
Molina et al. 2012). However, the presence of the power-law
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Figure 11. Mass-weighted PDF of the gas computed on 2 kpc×
2 kpc tiles. In each tile, the number indicates the Mach number.
tail voids this formalism, such that highly supersonic regions
might correspond to not so extended PDFs and vice versa.
4.3 Beads on a string
Along the spiral arms, overdensity clumps have formed in
a regular structure, like beads on a string with a relatively
uniform separation. The evolutionary stage of the beads on a
string varies from arm to arm, such that an almost complete
sequence can be seen in the single snapshot of Fig. 4. Clouds
connected by a faint, diffuse arm (e.g. in the outermost spi-
ral arm in the bottom-left corner in Fig. 4, and Fig. 14)
have formed early, while regular long and thin arms show-
ing a low density gradient along themselves (e.g. the arm
connected to the left tip of the bar) still host the formation
of clumps around dense seeds. For this reason, defining a for-
mation time of the beads is somewhat arbitrary. However,
the morphology of the host spiral goes from a smooth and
continuous structure to a chain of overdensities connected
by an arm ∼ 200 times less dense in 10 – 15 Myr (estimated
by eye), as illustrated in Fig. 12. This time lapse, inter-
preted as a free-fall time, corresponds to the density at the
edge of the fragmenting spiral and also to that of the inter-
clump medium once the beads have formed (≈ 30 cm−3).
The clumps themselves, although denser, do not immedi-
ately fragment because of pressure support.
The regularity in the separation of the overdensities is
related to the process of their formation and further evolves
with the host spiral. Although clumps form through gravi-
tational collapse, they do so in elongated arms, i.e. not in an
isotropic, three-dimensional structure. Therefore, the three-
and two-dimensional Jeans’ formalisms do not apply and
one cannot link the separation of the clumps to the local
Jeans length. Elmegreen & Elmegreen (1983) studied the re-
lation between the separation of the beads and the width of
their host spiral, in several nearby galaxies. They found that
r
θ
740 Myr 748 Myr 755 Myr
Figure 12. Formation sequence of the beads on a string along one
spiral arm. The arm has been projected into polar coordinates, for
display purposes only (the orientation is indicated on the leftmost
panel). The creation of dense seeds begins in the central panel and
goes on under the effect of self-gravity in the right panel. A later
stage of the evolution is shown in Fig. 14.
the ratio of the two is constant across the galaxy, and from
galaxy to galaxy, independently of their Hubble type.
At much smaller scale, Fischera & Martin (2012) stud-
ied the separation of clumps along interstellar filaments and
found a relation with the pressure excess (in the clouds com-
pared to the edge of the filament). For a given filament
width, a high overpressure implies a shorter separation. The
EOS used in our simulation (recall Fig. 1) forbids the coex-
istence of a warm and a cold phase at a given density, con-
trarily to other models of the ISM which allow it (see e.g.
Audit & Hennebelle 2010). Therefore, the simulation lacks
pressure from a hot diffuse gas to confine the spirals and the
beads. However, and despite a large spread in the relation,
we note that the detection of a high overpressure (> 10) cor-
responds indeed to smaller values of the separation/width
ratio, as predicted by Fischera & Martin (2012).
Table 2 displays the evolution between t = 780 Myr and
t = 820 Myr of the properties of the gas clumps (denser than
500 cm−3) selected from the beads on a string structure of
Fig. 12 and 14. Within these 40 Myr, some clouds merge
forming a more massive and larger cloud, but despite this,
the average separation between the clumps increases with
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Table 2. Beads on a string in the outermost spiral
time [Myr] mass [log( M⊙)] radius [pc] separation [pc]
780 6.2 168 270
800 6.0 149 380
820 5.5 82 430
time, while their mass and radius decreases, as also visible
on the global scale in Fig. 15. While the time evolution of the
separation is at least partially linked to the differential rota-
tion of the disc (and thus the elongation of the spiral), the
evolution of the mass and radius seems rather independent
of the environment and only connected to internal processes
(collapse, star formation, feedback). Estimates of the SFR in
individual clumps (∼ 2×105 M⊙ formed over 20 Myr in the
region mentioned above) indicate that the conversion of gas
into stars is the main factor of the decay of the gas mass. The
depletion of gas and further (re-)collapse of the cloud lead
to the decrease in radius. Note however that the space and
time resolutions of this simulation do not allow us to follow
a complete life cycle of the clouds (formation, collapse, de-
struction, re-formation, etc). At a later stage, the dynamical
evolution of the gaseous spirals and recycling of the molec-
ular material will probably modify the appearance of the
structures, leading to wider spirals and altering the regu-
larity in the spacing of the clumps, as seen in recent inter-
ferometric observations of M 51 by Schinnerer et al. (2013).
Such evolution is also likely to be connected with a smooth-
ing of the arm to inter-arm density contrast.
4.4 Spurs
Apart from the beads on a string, some gaseous spirals host
another pattern of dense structures, as shown in Fig. 13.
On the right half of the figure, a velocity difference of
≈ 40 km s−1 between both sides of the arm is associated
with the thinnest and densest spurs, whereas on the left half,
similar but more diffuse and thicker structures exist, with a
weak velocity gradient through the arm. The later formed
≈ 15 Myr ago, while the former are younger (≈ 10 Myr).
More generally, the sharpness of the density profile and the
thickness of the spurs indicate an age gradient running from
old structure on the left to younger, still forming spurs on
the right. All these spurs ressemble Kelvin-Helmholtz insta-
bilities as commonly observed at the interface between two
fluids with a velocity difference.
The question of the physical driver of the formation
of spurs has been addressed in many numerical works.
Chakrabarti et al. (2003) detected them in two-dimensional,
purely hydrodynamics models and explained their forma-
tion and growth invoking resonances and self-gravity. With-
out self-gravity, Wada & Koda (2004) proposed a Kelvin-
Helmholtz origin. Later, Kim & Ostriker (2006) noted that a
very strong spiral potential was necessary to trigger Kelvin-
Helmholtz instabilities in two-dimensional models. By in-
cluding magneto-hydrodynamics (MHD), they created spurs
through magneto-Jeans instability in a three-dimensional
description. Shetty & Ostriker (2006) emphasized the role of
MHD in creating and maintaining spur structure in grand-
design spirals. Dobbs & Bonnell (2006) presented simula-
tions of analytical spiral potential with arbitrary pattern
speed, including the formation of spurs at relatively low
temperature (. 1000 K), as an evolution of clumps formed
in the arms. The low Reynolds number of their model in-
dicated that their structures did not form from Kelvin-
Helmholtz instabilities. Our spurs differ from those detected
by Dobbs & Bonnell: their connection with the spiral dis-
solves faster, they are shorter and host a dense clump at their
tips. In that sense, the structures seen by Dobbs & Bonnell
might rather be “feathers”, as opposed to more compact
spurs we and others have identified (e.g. Wada & Koda
2004). Note that these differences of geometry and density
impact on off-spiral star formation: feathers host no or very
little star formation while spurs form stars at a comparable
amount and rate than other types of clouds.
The regularity in the spatial distribution of spurs is rem-
iniscent of that of beads on a string. However, the forma-
tion process of the latter (fragmentation of an elongated
structure, see Section 4.3) clearly differs from that of the
formers (velocity shear). Another difference lies in the po-
sition of the overdensity with respect to the spiral: while
beads are centered over the width of their host gaseous arm,
spurs are systematically offset toward the most rapid side
of the spiral. Therefore, most of the clustered star forma-
tion in these regions does not occur inside the gas spiral but
on its convex side, in dense, gravitationally bound clouds
found next to the tip of each spur. Schinnerer et al. (2013)
have recently detected a similar geometry in their compar-
ison of CO(1-0) emission to near ultraviolet maps in M 51.
They found that the young stars are offset by ∼ 100 pc on
the leading side of spiral arms (see their figure 8). In fact,
spurs are common features of grand-design spiral galaxies,
as noted by e.g. Elmegreen (1980), La Vigne et al. (2006)
and Silva-Villa & Larsen (2012).
Independently of the numerical codes and methods
used, all previous simulation works mentioning spurs and/or
feathers showed a rather ubiquitous distribution along
the spirals (Wada & Koda 2004; Shetty & Ostriker 2006;
Khoperskov et al. 2013). These studies set up analytical,
well defined spiral potentials, reproducing the spiral strength
seen in grand-design galaxies. In our case, spur-like struc-
tures only exist in strong continuous arms (grand-design-
like), as already suggested by Shetty & Ostriker (2006). In
the arm shown in Fig. 13, the spur pattern extends up to the
point where the gas spiral splits in a Y-shape (not visible in
this figure, but see Fig. 4 at x ≈ 5.5 kpc, y ≈ −2 kpc), mark-
ing the transition from a strong m = 2 mode to higher order
modes (see Section 3.2). Where higher orders develop (at
larger radii along the spirals), the existence of spurs seems
to be replaced by that of beads on a string.
4.5 Asymmetric drift and feedback
Fig. 14 zooms-in on the same beads on a string as in Fig. 12
at a late stage of their evolution, once the chain connecting
them has almost dissolved. At the time of their formation,
the stars share the velocity dispersion σv of their gas nurs-
ery (≈ 10 km s−1). While the cloud continues to collapse,
the velocity dispersion of both the gas and the stars keeps
increasing. On the one hand, for the stars, this is added
to the “intrinsic” increase due to relaxation (which is un-
derestimated in our numerical treatment by the use of a
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Figure 13. Top: surface density of gas in a spiral arm of our model of the Milky Way (at about 5 kpc of the Galactic Centre, at
t = 800 Myr). The densest features are organised as spurs along the arm, resembling the pattern created by Kelvin-Helmholtz instabilities.
The coordinate system shown is that of Fig. 4, the small arrow points towards the Galactic Centre (GC) and the big one indicates the
rotation of the disc. Bottom: velocity along the horizontal axis of the figure, in the galactic reference frame. The strong velocity gradient
(right half of the figure) generates Kelvin-Helmholtz instabilities that evolve into spurs (as in the left half).
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Figure 14. Evolved beads on a string clouds in the outer spiral arm (at about 7 kpc of the Galactic Centre, at t = 800 Myr). The contrast
of volume density between the beads and the string has reached 104. As the stars decoupled from their gaseous nursery, supernovae
explode away from the center of the clouds, which creates an asymmetric conic-like structure of low density (opened toward the top of
this image). The clouds themselves are very mildly affected by the SN feedback. The coordinate system shown is that of Fig. 4. The
small arrow points towards the Galactic centre, and the big one indicates the rotation of the disc.
particle-mesh integrator). On the other hand, the gas is dis-
sipative: its velocity dispersion increases slower than that of
the stars, and may even decrease. The stellar and gaseous
components decouple. After 10 Myr, we measure dispersions
of ≈ 15 km s−1 for the young stars and ≈ 9 km s−1 for the
gas. The rotation velocity being a combination of the cir-
cular velocity vcirc (almost constant for both components)
and of the velocity dispersion as v2rot ≈ v
2
circ − σ
2
v, the stars
drift away from the gas cloud, at about 0.4 km s−1 (the so-
called asymmetric drift, Binney & Tremaine 2008). When
the supernovae explode, they lag a few parsecs behind the
densest part of the cloud in which they were born. The
blasts occur in a medium showing a density gradient, and
thus expand faster away from the cloud than toward its
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Figure 15. Mass function of the gas clouds (denser than
500 cm−3) along their evolution. The black line indicates a power-
law of index -1, comparable to the decline of the mass function
above ∼ 5× 105 M⊙. Clumps get less massive with time because
of gas depletion due to star formation.
centre, and this effect amplifies as new SNe, continuously
formed by the remaining cloud, explode in an already af-
fected medium. The result is visible in Fig. 14, as cones
of low density behind each cloud. Since the separation be-
tween clumps is several 100 pc and the intra-cloud medium
is diffuse (10−3 – 10−2 cm−3) in this region of the Galaxy,
stellar feedback does not create dense spherical shells which
could further fragment (Norman & Silk 1980) and form a
secondary generation of stars out of an enriched ISM. How-
ever, the same high pressure should be acting in the opposite
direction on the remaining cloud, locally increasing the cloud
density, and might even increase the star formation rate at
the cloud-blast interface. However, we have not detected a
clear evidence of this in the simulation.
The lag being minimum at large galactic radius, as in
our example, we expect the SNe to generally explode outside
of their dense gaseous nurseries therefore minimizing the role
of SN feedback in the destruction of clouds. Less energetic
pre-SN effects, active inside the clouds, are not expected to
destroy the clumps per se, but are likely to modify their
inner structure and thus the ongoing star formation.
This demonstrates the paramount role of the Galactic
context (here, the rotation of the disc) as a driver of the
evolution of star forming clouds.
4.6 Clump mass function
The exploration of the clump mass function (CMF) has be-
come a useful tool to probe the early phase of star forma-
tion, and the shape of the IMF. Using CO observations,
several authors measured a power-law distribution of the
form dN/dM ∝M−α, with an index rather constant across
the Galaxy: α = 1.83 in the inner disc (Solomon et al.
1987), α = 1.80 in the outer Galaxy (Heyer et al. 2001) and
α = 1.84 in high latitude cirrus (Heithausen et al. 1998).
(See also Reid et al. 2010 and Hennebelle & Falgarone 2012
for a review.) Owing to the diversity of age of the clumps
across the Milky Way, this slope is expected to be also con-
stant in time.
In our simulation, the high-mass end of the global CMF
shown in Fig. 15 yields a decline of the form dN/d log(M) ∝
M−α+1 (or ∝ M−α in linear mass intervals) , with α ≈ 2,
i.e. comparable to the observations. The evolution over
40 Myr does not modify this high-mass behaviour, which
implies that the ISM maintains its hierarchical structure
(Stutzki et al. 1998), while the maximum of the distribu-
tion is shifted towards lighter masses, as already suggested
in the beads on a string sample discussed above. We note
however that Audit & Hennebelle (2010) suggested that the
maximum of the CMF might be biased by numerical dissi-
pation.
By arguing that the inner structure of clumps origi-
nates from density fluctuations, several authors proposed a
relation between the index α of the CMF and that of the
power spectrum of the density field (Elmegreen & Falgarone
1996; Stutzki et al. 1998; Hennebelle & Chabrier 2008;
Shadmehri & Elmegreen 2011, see Hennebelle & Falgarone
2012 for a review). The hierarchical structure of the ISM
in clouds (103 – 6 M⊙), filaments (10
2 – 3 M⊙) and cores
(100 – 2 M⊙) might then be linked to the turbulence cascade,
as discussed in the next Section.
4.7 Power spectrum density and turbulence
cascade
Together with magnetic fields, which can reduce the star for-
mation efficiency (Federrath & Klessen 2013), turbulence is
one of the key physical contributions to the support of gas
structures against gravitation. By knowing at which scale
the turbulence is created and how it propagates and dif-
fuses to other scales, one can infer how, where and when
the gravity takes over and form structures like discs, clouds,
cores or even stars. In simulations like this one, the injec-
tion of turbulence at galactic scale is well described, but
the resolution remains too low to fully describe the cas-
cade down to the dissipation scale, the so-called Kolmogorov
scale (Hennebelle & Falgarone 2012). Our spatial resolution
is still too coarse to capture it.
For an incompressible fluid, the Kolmogorov (1941)
theory predicts an energy spectrum of the velocity field,
as a function of the inverse scale-length k, of the form
E(k) ∝ k−5/3, hence a power spectrum density (PSD)
Pv(k) ∝ k
−2E(k) ∝ k−11/3. A pressure-less (i.e. fully com-
pressible) fluid would yield a steeper spectrum Pv(k) ∝ k
−4
as proposed by Burgers (1974), and thus a partially com-
pressible fluid, like the ISM, is expected to lie between the
two extremes.
In our case, because of the rotation of the disc, the
velocity should be replaced by its dispersion in our spectral
analysis. However, the structure of the AMR grid introduces
artifacts in the computation of the velocity dispersion where
the refinement changes. Futhermore, computing the power
spectrum of a three-dimensional field at high resolution and
over a large spatial range is involved: for simplicity, we have
limited our analysis to a two-dimensional exploration, i.e.
a spectrum shallower by an index unity (∝ k−8/3 and k−3
for the incompressible case and the fully compressible cases,
respectively). For a subsonic medium, the power spectrum
of the surface density of the gas Σ is a good proxy of that of
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Figure 16. Compensated (top) and non-compensated (bottom)
power spectrum density of the surface density of the central
8 kpc × 8 kpc of the galaxy, constructed from two power spec-
tra at different resolution (and connected at k = 10 kpc−1). The
two dashed lines represent PΣ(k) ∝ k
−2/3 and ∝ k−7/3. The
shaded area at high k’s shows the limit being due to the sam-
pling frequency (two cells = 0.1 pc).
the velocity (see e.g. Burkhart et al. 2013). In the supersonic
case however, the conversion is less clear and one should not
seek a direct comparison of the spectral indices with that of
the Kolmogorov framework.
Fig. 16 shows the power spectrum density (PSD), com-
puted thanks to a fast Fourier transform of the surface den-
sity of gas. The hierarchy of large scales structures (& 2 pc)
sets a power spectrum of index −0.67 ≈ −2/3 over at least
3 decades. At least at large scale, the ISM of the Milky Way
is subsonic and a partially compressible turbulence should
yield a PSD of index < −8/3. Therefore, finding a shallower
PSD indicates the non-turbulent nature of the ISM in this
scale range: the gravitation dominates in setting the hierar-
chy of structures. Note that the scale at which this regime
ends cannot be determined by our approach, since the tur-
bulence leaves the subsonic range at an unknown and non-
unique scale, voiding the correspondance between the PSD
we compute and the Kolmogorov theory.
However, a transition toward a steeper spectrum (index
−2.33 ≈ −7/3) is found at about the parsec scale, i.e. in-
side the molecular clouds, and over almost a decade. In that
case, the ISM is mostly supersonic and the PSD is (presum-
ably) steeper than that from the Kolmogorov regime4. Thus,
once an external gravitational cause (e.g. a spiral shock) has
triggered their fragmentation, the clouds develop hydrody-
namical turbulence that dominates the PSD, instead of the
gravitational hierarchy, as observed at larger scales. Never-
theless, we note that this transition has never been detected
in observations nor smaller scale simulations.
When approaching the smallest scale accessible (corre-
sponding to two cells for a spectral analysis, i.e. 0.1 pc in
our case), numerical effects appear and bias the power spec-
trum. The inertial regime of turbulence can only be probed
at several times the Nyquist frequency, which in our case,
corresponds to a few times5 0.1 pc. However, since the tran-
sition mentioned above is described by more than 50 reso-
lution elements it is unlikely to be of numerical origin, and
it is thus more likely to be a physical effect.
Except from the change of spectral index, no particular
features arise from the global PSD. The apparent regular-
ity in the spacing and size of beads on a string (recall Sec-
tion 4.3), the width of the spiral arms or the stellar feedback
(as Hii bubbles and SN blasts) do not leave any clear sig-
nature in the PSD computed over 8 kpc× 8 kpc. The diver-
sity of objects and the co-existence of structures at different
stages of their evolution (as discussed above) seem to blur
the PSD by injecting energy at a great number of scales. In
particular, no transition is detected around the scale-height
of the disc (≈ 100 pc), contrary to other studies (e.g. the ob-
servations by Elmegreen et al. 2001 and Block et al. 2010 or
the simulation by Bournaud et al. 2010 of the Large Magel-
lanic Cloud, or Combes et al. 2012 in M33). This difference
is discussed below.
In an attempt to separate un-related structures, Fig. 17
shows the PSD of the surface density, but computed in
2 kpc × 2 kpc tiles. In the outer part of the galactic disc
(e.g. the top-left-most tile), the diffuse gas is isothermal and
subsonic (recall Fig. 1 and 11) and the absence of structures
like spirals or clumps allows the turbulence to decay uncon-
strained. This leads to a Kolmogorov-like power spectra, i.e.
PΣ(k) ∝ k
−8/3.
In contrast, the PSDs of the inner regions yield a −2/3
index at large scale where the gravitation sets the structure
of the ISM, similarly to the global case of Fig. 16. In some
of these regions, the PSD becomes steeper at scales around
1 – 10 pc, indicating here again that supersonic turbulence
dominates. Yet, no injection scale is clearly detected, since
each structure influences the PSD at more than one scale.
For instance, when a spiral arm crosses a tile, it injects power
in the PSD at scales corresponding to its width, but also its
length and all scales in between. For beads on a string- or
spiral-like structures, this could influence the PSD over more
than one decade in wave-numbers. Similarly, the distribution
of radii of the Hii bubbles is rather smooth (with a peak at
≈ 0.3 pc) and thus covers an extended range of scales, not
leading to a clear signature in the PSD, even in a 2 kpc ×
2 kpc region.
In many aspects, such PSD differs from that of
4 Recall that the −8/3 index of the Kolmogorov PSD of the sur-
face density only holds in subsonic gas.
5 The exact, unknown, value depends on the numerical imple-
mentation and physical properties of the turbulence.
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Figure 17. Compensated power spectrum density in several re-
gions of the galaxy. Note that the compensation index (8/3) is
not the same as in Fig. 16 (7/3). The dotted lines indicates
PΣ(k) ∝ k
−2/3 in the relevant tiles.
the Large Magellanic Cloud (LMC, Block et al. 2010;
Bournaud et al. 2010). In the Milky Way, the contrast be-
tween spirals and interarms is much stronger than in the
LMC, mostly because of a higher rotation velocity and thus
stronger spiral shocks. Therefore, our model lacks diffuse
ISM, which would be responsible for most of the Hi and in-
frared emission, from an observational point of view. Such
a diffuse, pervasive gas would probably be more efficient
in revealing characteristic scales, like the thickness of the
disc, than the unique dense phase we probe. In their sim-
ulation of the LMC, Bournaud et al. (2010) used the same
EOS than the one presented here. As already discussed, such
an EOS does not allow for two phases that would favor the
existence of a diffuse ISM. Despite this, the very nature of
the LMC of having weaker spiral shocks, a less pronounced
arm/interarm density contrast than in the Milky Way, and
thus the existence of a diffuse ISM allows to probe the thick-
ness of its disc in the PSD, contrarily to our simulation.
4.8 Regulation of star formation
The structure and physical properties of the ISM described
above lead to a global SFR of ∼ 1 – 5 M⊙ yr
−1 measured
in the simulation. In absence of magnetic fields, turbulence
support and feedback are the main physical regulators of
star formation. Furthermore, in this simulation, the artificial
fragmentation of the gas due to our finite resolution is com-
pensated by introducing a thermal pressure floor (the Jeans
polytrope, recall Section 2.2). This necessary artifact could
also regulate star formation. However, the maximum heat-
ing we measure is moderate (1600 K) and only one percent
of the gas mass is heated above 100 K. At this temperature,
the sound speed (∼ 1 km s−1)6 remains well below the tur-
bulent velocities. Therefore, the regulation of star formation
by the polytrope concerns only a small fraction of the gas,
and is negligible with respect to supersonic turbulence.
As we have seen in Section 4.5, at least in some cases,
most of the stellar feedback energy is released outside of the
clouds, and thus plays a secondary role in regulating star
formation in these volumes. Supersonic turbulence should
therefore be the main support against rapid collapse of the
clouds and further star formation. For example, the veloc-
ity dispersion of the clouds in spurs of a few 105 M⊙ is
∼ 10 – 40 km s−1, i.e. high enough to prevent most of the
collapse into dense cores.
In other regions, like at tips of the bar where the number
density of cloud and the inter-cloud density are several order
of magnitude higher, the role of feedback might be more
important (but more difficult to probe owing to the rapid
variations of the density field), and adds to the turbulent
support.
Finally, inside the bar (recall Section 3.1), phenomena
external to the cloud itself like shear and galactic tides gov-
ern the organisation of the ISM by preventing the very col-
lapse of gas around dense seeds, which significantly reduces
the star formation activity in this area.
Although supersonic turbulence often dominates, sec-
ondary aspects like feedback, shear and tides also partici-
pate in regulating star formation. Their relative weights in
this process depend on the environment of the cloud, and
varies significantly across the galaxy, as noted from an ob-
servational point of view by Meidt et al. (2013). We suspect
that such variations would be amplified in more extreme
environments like colliding galaxies.
5 SUMMARY AND CONCLUSIONS
We presented a simulation of a grand-design spiral galaxy
with properties comparable to those of the Milky Way. Al-
though some structures like beads on a string seem over-
represented compared to the real Galaxy, we argue that the
match is likely to improve at a later stage of the evolution,
not reached here. The major interest of this work is the
possibility of probing physical quantities and structures at
a sub-parsec resolution, in a fully consistent galactic con-
text. This resolution allows us to avoid many artifacts and
biases introduced in previous studies at lower resolution.
Many topics and questions will be adressed in forthcoming
contributions using this simulation, but for now, the main
results presented here are as follows:
• The stellar and gaseous spirals extend further than the
outer Lindblad resonance (6.3 kpc) as determined from the
pattern speed of the bar. This resonance seems to only affect
their pitch angle. However, a secondary pattern speed asso-
ciated with the spirals themselves explains their truncation
at 8 kpc.
6 We note that the thermal velocity dispersion introduced by
the polytrope are in agreement with the non-thermal values mea-
sured in molecular clouds, at the parsec and subparsec scales (see
Hennebelle & Falgarone 2012, their figure 5).
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• The formation of a bar triggers the appearance of inner
Lindblad resonances (40 and 450 pc) which lead to the accu-
mulation of gas at these radii. A nuclear disc forms around
the SMBH and controls its fueling.
• The gas density PDF can be approximated to first order
by a log-normal functional form with a power-law tail at high
density (& 2000 cm−3), where the gaseous clumps are self-
gravitating. The index of the power-law is connected to the
radial density profile of the clouds, as observed.
• Describing the transition from turbulence supported to
self-gravitating gas is a necessary condition for resolving star
formation. Such transition would ideally be used as a density
threshold in numerical implementations of star formation.
• The gas in some spiral arms is organised as beads on a
string, with a relatively regular spacing. Because mostly of
star formation the mass and the size of these clumps decrease
with time, while their separation increases.
• Along the most pronounced gas spirals, a velocity gradi-
ent across the arm generates Kelvin-Helmholtz instabilities
in the form of spurs hosting star formation in the convex
(leading) side of the long, continuous, “grand-design” arms.
The thin gas tail connecting the cloud to its spiral arm dis-
solves in ∼ 15 Myr, while the dense cloud survives.
• The signatures of stellar feedback in the density field
are clearly visible in the vicinity of the beads. The asym-
metric drift linked to galactic rotation is responsible for an
offset between the locii of the SN explosions and the densest
regions of their clouds. Therefore, because of large scale ef-
fects, the stellar feedback is not efficient at destroying such
clouds.
• The high-mass end of the clump mass function declines
as a unity-index power-law function of the mass. This slope
remains unchanged as the average mass and radius decrease
in time. This may evolve into the star cluster mass function.
• The regulation of star formation at . 5 M⊙ yr
−1, in
spite of a star formation efficiency of 3 percent, is ensured
by the supersonic turbulent support over a broad range of
densities, and only in a much milder way by stellar feedback.
The computational cost of the resolution of this sim-
ulation limits the duration of the simulation: our analysis
at sub-parsec resolution spans only a few ∼ 10 Myr. The
evolution of large scale structures such as the bar and spiral
arms, and global phenomena such as outflows, cannot be fol-
lowed here. However, thanks to a realistic model at galactic
scale, we are able to determine the behaviour of gaseous fea-
tures of smaller sizes and the conditions for star formation.
Future contributions will focus on several phenomena and
structures accessible in this simulation: e.g. the laws of star
formation, the physics of the galactic nucleus and the inner
structures of clouds.
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